We consider the effects of particle acceleration at the bow shocks expected in the binary pulsar system J0737-3039, due to the interaction of the wind from pulsar A with the magnetosphere of pulsar B and with the interstellar medium (ISM). In this model the likeliest source for the X-rays observed by Chandra is the emission from the shocked wind of pulsar A as it interacts with the ISM. In this case, for favorable model parameter values, better statistics might help Chandra marginally resolve the source. A consequence of the model is that high energy emission reaching up to tens of MeV is also expected, at a level detectable by GLAST. The observed X-ray emission might alternatively arise from the shocked pulsar A wind in the bow shock around pulsar B, although this requires a high efficiency in producing X-rays. In this case a modulation of ∼ 50% in the X-ray luminosity with the orbital period (2.45 hr) or with the period of pulsar B (2.77 s) might be expected.
INTRODUCTION
The double radio pulsar system J0373-3039 (Lyne et al. 2004; Kaspi et al. 2004 ) is of great interest as a remarkable laboratory for probing strong field gravity and magnetospheric interactions. It has also been detected in a 10 ks Chandra observation (McLaughlin et al. 2004) , with an Xray luminosity of L X ≈ 2 × 10 30 (d/0.5 kpc) 2 erg s −1 in the 0.2 − 10 keV range, and a reported X-ray photon number index of Γ = 2.9±0.4. The spin-down luminosity of pulsar A, which is expected to be channelled mainly into its relativistic wind, isĖ A ≃ L A ≃ 6 × 10 33 erg s −1 (Lyne et al. 2004; Kaspi et al. 2004) . Since L A ∼ 3 × 10 3 L X , only a small fraction of L A is required in order to produce the observed X-ray emission. Since only 77 ± 9 X-ray photons were detected, the determination of the spectral slope is difficult, and might be consistent with a flat νF ν (Γ ∼ 2), as expected from shock acceleration. Here, we explore whether particle acceleration in the bow shocks of the pulsar A relativistic wind on the magnetosphere of pulsar B and on the interstellar medium can explain the properties of the X-ray emission, and we evaluate the expected high energy emission, up to tens of MeV, resulting from such a model.
EMISSION FROM THE BOW SHOCK AROUND PULSAR B
Balancing the ram-pressure of the pulsar A wind with the magnetic pressure of pulsar B, assuming a predominantly dipole field, and a surface field strength of B * = 1.2 × 10 12 G (Lyne et al. 2004 ) the distance of the head of the bow shock measured from pulsar B is R bs ≈ 6 × 10 9 cm. This is ≈ 0.07 of the separation between the two pulsars, R AB = 8.8 × 10 10 cm (Lyne et al. 2004) . Therefore, as seen from pulsar A, the fraction of the total solid angle subtended by the bow shock is Ω/4π = Cπ(R bs /R AB ) 2 /4π ≈ 10
C, where C ∼ a few, its value depending on the exact shape of the bow shock. Thus, producing the X-rays in the shocked wind of pulsar A in the bow shock occurring near pulsar B would require an efficiency of ∼ 0.3/C, in order to account for the Chandra observation. Lyutikov (2004) calculated the asymptotic opening angle of the bow shock, and finds it to be θ ∼ 0.11 − 0.13 rad for the value of B * from Lyne et al. (2004) . This gives Ω/4π
, which is in agreement with our estimate here, and provides an independent cross calibration for our parameter C, namely C ∼ 2.6 − 3.6. Lyutikov (2004) further argues that the interaction of the pulsar A wind with the pulsar B magnetosphere can change the spin-down torque exerted on pulsar B compared to that for a dipole magnetic field in vacuum which was assumed by Lyne et al. (2004) , resulting in B * ∼ (3 − 4.7) × 10 11 G and θ ∼ 0.07 − 0.09, which correspond to Ω/4π ∼ (1.2 − 2) × 10 −3 and C ∼ 3.1 − 3.9. None of the above estimates for B * produce the right time for the eclipse of the pulsar A radio emission as its line of sight passes near pulsar B. Nevertheless, we still view the above range of Ω/4π values as a guideline for estimating the emission from the bow shock.
In order to estimate the emission from the shocked wind, we will use the values of the hydrodynamical quantities at the head of the bow shock. To zeroth order, we neglect the orbital motion of the two pulsars, and their spins. The rotation of pulsar A together with a likely anisotropic wind would induce variability in the intensity of its wind impinging on pulsar B, with the same periodicity as the spin period of pulsar A (P A = 22.7 ms). However, since the ratio between the time for the wind of pulsar A to reach pulsar B and the rotational period of pulsar A is rather large, (R AB /c)/P A ≈ 130, one might expect some of the variability in the pulsar A wind to be washed out before it reaches the magnetosphere of pulsar B. Furthermore, Demorest et al. (2004) find, from polarization measurements of the pulsed radio emission of A, that its magnetic and rotational axes are likely to be almost aligned (to within a few degrees). Thus, there should be very little variation in the intensity of the pulsar A wind that reaches pulsar B over the period of pulsar A, but on the other hand, a significant variability might be present on the orbital period.
The duration of the Chandra observation, 10 4 s, is close to the orbital period P orb = 2.45 hr, and it showed no evidence for variability (McLaughlin et al. 2004) . However, the small number of photons (77 ± 9) does not allow to place a strong limit on a possible modulation with the orbital period, which might still have an amplitude of 50%. One might expect a modulation with the orbital period due to the change in the line of sight w.r.t. the bow shock. While at radio frequencies such a modulation might be due to opacity (e.g. to synchrotron self-absorption), at high frequencies the shocked wind should be optically thin. However, the shocked wind is expected to move with mildly relativistic velocity in a direction roughly parallel to the bow shock, in the direction away from the head of the bow shock (Lyutikov 2004) . This might cause a mild relativistic beaming of the radiation emitted by the shocked plasma, resulting in a mild modulation (by a factor 2) of the observed emission as a function of the orbital phase.
The rotation of pulsar B, assuming some misalignment of its magnetic pole relative to its spin axis (as expected from the detection of its pulses), would change the magnetic pressure behind the bow shock with a periodicity equal to the spin period (P B = 2.77 s). This would cause a periodic modulation of the shape of the bow shock as well as the values of the physical quantities of the shocked plasma with a periodicity P B , since the roughly constant ram pressure of the pulsar A wind is balanced by the periodically changing magnetic pressure of pulsar B.
Such modulations, with a periodicity of P B , P orb , and possibly also P A , might have interesting observational implications. These would require a more detailed modelling outside the scope of this Letter.
The pulsar wind is likely to contain protons (and their associated electrons), as well as e ± pairs and Poynting flux (low frequency electromagnetic waves). While at small radii the ratio σ of Poynting flux to kinetic energy is believed to be σ ≫ 1, we expect that near the bow shock σ 1, so that to zeroth order we can neglect the effect of the magnetic field on the shock jump conditions. We assume the fraction ǫ B of the internal energy behind the shock in the magnetic field to be ǫ B ∼ 1. This situation could arise if instabilities across the magnetic discontinuity bring an admixture of the stronger field of pulsar B into the postshock pulsar A fluid. In the absence of such instabilities, a value of ǫ B ∼ σ is expected, which for the Crab is σ ∼ 3 × 10 −3 . However the radius here is smaller than in the Crab, which might account for larger values of σ.
The energy in the proton component is unknown, but was inferred in the Crab (Gallant & Arons 1994) to be comparable to that in e ± pairs. For simplicity, we shall assume here an almost pure e ± pair wind, so that behind the shock the fraction of the internal energy in e ± pairs is ǫ e ≈ 1. The wind bulk Lorentz factor, γ w , is not easy to determine, and estimates for different pulsars are typically in the range γ w ∼ 10 4 − 10 7 (Gallant & Arons 1994). We will use a fiducial value of γ w = 10 5 γ 5 , but it is important to keep in mind that the actual value of γ w might vary over a reasonably large range between different pulsars. Even for a single pulsar it might change as its magnetic field strength and spin period evolve. However, we shall assume that γ w ≫ 1 wherever this allows a simplification of the expressions used.
The number density in the wind, as a function of the distance r from pulsar A, is n w = L A /4πr
2 m e c 3 γ 2 w . The bow shock itself is at rest in the lab frame, in our approximation.
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The resulting shock jump conditions imply that, at the head 2 We ignored the slower binary period timescale, which would cause inertial effects, centrifugal and Coriolis, etc., as well as the possible time variability due to the rotation of the pulsar B magnetosphere.
of the bow shock, the shocked pulsar A wind fluid just behind the shock moves away from the shock at β = 1/3, and has a proper energy density e int = L A /2πR 2 c ≈ 4.7 erg cm −3 and a proper number density n = 2 3/2 γ w n w = e int /(m e c 2 γ w / √ 2) = 82γ B G. The e ± pairs are assumed to be accelerated in the shock into a power law distribution on energies, dn/dγ e ∝ γ −p e for γ m < γ e < γ max . Observations of synchrotron emission from electrons accelerated in relativistic collisionless shocks typically imply p ∼ 2 − 3. The average random Lorentz factor of the shocked electrons is γ e = γ w / √ 2, and the minimal Lorentz factor is given by
where g ≡ 3(p − 2)/(p − 1) equals 1 for p = 2.5. The maximal Lorentz factor can be estimated by equating the cooling time, 4 t c = 6πm e c/σ T B 2 γ e (1 +Y ), to the acceleration time, t acc = A(2πm e cγ e /eB),
where
e dγ e is the Compton y-parameter, and
5 is the Thompson optical depth, where ∆R = ηR bs is the width of the sheath of shocked pulsar A wind around pulsar B.
this gives Y ∼ 10 −2 , so that inverse Compton scattering is not very important. For completeness, we still put factors of (1 + Y ) where relevant. The Lorentz factor of an electron which cools on the dynamical time, t dyn ∼ R st /(c/3) = 0.6 s, is given by
The corresponding synchrotron frequencies are
We have νF ν ∝ ν (3−p)/2 for ν m < ν < min(ν c , ν max ), and if ν max > ν c we have νF ν ∝ ν (2−p)/2 for ν c < ν < ν max . The fraction of energy radiated by an electron is ∼ min(1,t dyn /t c ) = min(1, γ e /γ c ). Averaging over the power law distribution of electron energies, we obtain the total fraction ǫ rad of energy in electrons that is radiated away. For γ c < γ m (fast cooling), ǫ rad ≈ 1, since all electrons cool significantly within t dyn . For γ m < γ c < γ max ,
3 More generally, this expression should be multiplied by a factor of (1 + ρp/ρe), which can be as high as mp/me in the limit of a proton-electron plasma. Also, the factor of p−2 p−1 is valid for p > 2, while for p = 2 it should be replaced by 1/ ln(γmax/γm) so that g = 3/ ln(γmax/γm). 4 We consider here cooling due to synchrotron emission and inverseCompton scattering, where Y is the Compton y-parameter.
while for γ c > γ max we have ǫ rad (γ c > γ max ) ∼ (γ max /γ c )ǫ rad (γ m < γ c < γ max ), or
The X-ray luminosity is then L X = f X ǫ e ǫ rad (Ω/4π)L A , where f X is the fraction of the radiated energy in the 0.2 − 10 keV Chandra range. We have ǫ e ≈ 1, and for p ≈ 2 typically ǫ rad ∼ 0.2. The value of f X is approximately given by the ratio of the average νF ν value in the Chandra range (equal to the νF ν value at some frequency ν X within that range) to the peak νF ν value. In our case, f X ∼ (ν X /ν c ) (3−p)/2 ∼ 0.02, for p ≈ 2, where ν X ≈ 4.4 keV. Altogether, and assuming Ω/4π ∼ 4 × 10 −3 (C ∼ 4), we have L X ∼ 10 29 erg s −1 , which is a factor of ∼ 20 smaller than the observed value.
The most promising way to increase L X is by lowering ν c which would significantly increase f X , and also somewhat increase ǫ rad . This may be achieved if t dyn or the magnetic field experienced by the shocked electrons are increased (as for
−3/2 ). Therefore, if the electrons in the shocked pulsar A wind can stay around pulsar B for somewhat longer than t dyn = R bs /(c/3) ≈ 0.6 s, or if they experience a magnetic field somewhat larger than the equipartition field estimated just behind the shock, then the value of L X from the bow shock of the wind of pulsar A around pulsar B can be large enough to explain the Chandra observation. This could be the case if a reasonable fraction of the shocked wind becomes associated with closed magnetic field lines of pulsars B for one or more rotational periods of B (where P B is ∼ 4.6 times larger than the estimate we used for t dyn ). In this case, this material will also pass through regions of higher magnetic field strength. This could be the case if, e.g., interchange instabilities cause mixing of the two fluids across the contact discontinuity. A careful monitoring of the spectrum could enable the determination of ν m , which would help constrain the value of γ w (e.g. Eq. 4), which is usually hard to pin down. A light curve with better photon statistics might reveal modulation of the X-ray emission at the period of pulsar B, and perhaps also at the beat frequency between the periods of B and A. Since P A ≪ P B , the beat frequency would be ω A ± ω B ≈ ω A , which may not be easy to distinguish from the periodicity of pulsar A. In order to have a reasonable amplitude for the beat frequency, the modulations over both P A and P B need to be prominent and this depends on the magnetic inclination angles relative to the orbital plane. While difficult, such an observation could provide useful constraints on the high energy emission mechanism and the geometry of the system.
EMISSION FROM THE BOW SHOCK ON THE ISM
At a sufficiently large distance from the double pulsar system, a bow shock forms due to the interaction of the wind from pulsar A with the interstellar medium (ISM).
5 The relative velocity of the center of mass of the binary pulsar w.r.t the ISM, v ext , is ≈ 200 km s −1 on the plane of the sky (Ransom et al. 2004, in preparation) . A velocity component along our line of sight could lead to a larger total velocity v ext . The head of the bow shock is at a distance R from pulsar A where the kinetic pressure of the wind balances the ram pressure of the ambient medium,
where ρ ext = n ext m p and n ext = n 0 cm −3 are the ambient mass density and number density, respectively, and v 200 = v ext /(200 km s −1 ). This radius is almost ∼ 10 5 times larger than the separation between the two pulsars, R AB .
The spectral break frequencies of the synchrotron emission from the shocked wind are in this case 
where ν max is the same as in Eq. 6, and we have used t dyn = R/(c/3). For our fiducial parameters, even for p ≈ 2, we have
200 . Most of the emitted energy will come out near ν max at a few tens of MeV, and f X ∼ 10 −2 (which does not change as long as ν c > ν max ). Therefore, the ratio of the expected The emission from the bow shock with the ISM is not expected to show significant modulation either over P A or over P orb . The former is since P A is ∼ 6 − 7 orders of magnitude smaller than R/c. 6 The latter is since the orbital velocity of pulsar A is v orb ≈ 300 km s −1 ≪ c, and R AB ≪ R.
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Emission at tens of MeV would also be expected, if indeed the Chandra X-ray luminosity arises from the ISM bow shock described above, since this requires ǫ rad ∼ 0.03(d/0.5 kpc) 2 , and νF ν peaks near ν max . This implies a luminosity L γ ∼ ǫ rad L A ∼ 2 × 10 32 (d/0.5 kpc) 2 erg s −1 at photon energies of a few tens of MeV. This might possibly account for the unidentified EGRET source 3EG J0747-3412 (Hartman et al 1999) . The location of this source is within one EGRET PSF of the double pulsar system J0747-3039, which is marginally consistent if the positional error circle is larger than the nominal value reported. Also, our estimated flux is somewhat lower 6 This has two effects. First, any variability in the wind with the period P A will be greatly washed out by the time it reaches the bow shock. Second, the distance of the bow shock from pulsar A varies, with ∆R ∼ R, so that the phase of the pulsar A wind that impinges upon it at any given time changes by ∼ 10 6 − 10 7 periods. Since the same holds for the observed emission, it greatly averages out a possible modulation with a period of P A , even if it exists in the local emission from a given location along the bow shock.
7 The orbital motion of pulsar A affects the bow shock with the ISM mainly in two ways. First, the distance between pulsar A and the head of the bow shock changes by ∼ ±R AB /2, changing the ram pressure by ∆p/p ∼ 2R AB /R ∼ 10 −5 − 10 −4 . Second, the wind is highly relativistic and behaves as radiation, so that its intensity in the bow shock rest frame scales as the fourth power of the Doppler factor δ ≈ 1 + β orb cos θ, and will change in the range (1 ± β orb ) 4 , resulting in a relative amplitude of ≈ 8β orb ≈ 0.8%. Since (R/c)/P orb ≈ 18n
200 , some additional averaging can occur due to the different pase of this modulation over the different parts of the bow shock, although this effect is not very large for our most promising model for which R is smaller by a factor of ∼ 10 compared to its fiducial value in Eq. 9.
than the reported EGRET source flux (∼ 10 33 erg s −1 ), if indeed the distance to this system is d ≈ 0.5 kpc, and the typical photon energy is on the low edge of the EGRET range. We note that in this EGRET observation the flux, significance and position are possibly contaminated by confusion. In any case, the high energy emission predicted by this model might be detectable with GLAST, and perhaps with AGILE.
Another contribution to the X-ray luminosity might be expected from the shocked ISM in the bow shock. The energy injection rate is 8 ∼ (v ext /c)L A ∼ 10 −3 L A , which is of the order of the observed X-ray luminosity, and perhaps larger by a factor of a few. This could account for the observed X-ray luminosity, provided that f X ǫ e ǫ rad 0.1 − 0.3. Here, the dynamical time is t dyn ∼ R/v ext and
while ν max is the same as in Eq. 6, and ν m is very low (in fact γ m ∼ 1). One might expect instabilities near the contact discontinuity between the shocked wind and the shocked ISM, both of the Rayleigh-Taylor and Kelvin-Helmholtz types, which could bring the magnetic field in the shocked ISM close to equipartition. Since the shock going into the ISM is Newtonian, one expects p ≈ 2, as in SNRs. This would imply ǫ rad ≈ 0.2. For n 0 10, νF ν peaks in the Chandra range, so that we can have f x ∼ 1 and f x ǫ rad ∼ 0.2. From modelling of collisionless shocks in SNRs, which propagate into a similar ISM with similar shock velocities, a typical value of ǫ e ∼ 0.1 might be adopted. The resulting value of
be ∼ 20v 300 (ǫ e /0.1)( f x ǫ rad /0.2)(d/0.5 kpc) 2 times smaller than the observed L x (unless ǫ e ∼ 1). Thus, this emission component may not easily account by itself for the Chandra observation, although it can contribute to that from the shocked wind of pulsar A.
We note that Eq. 9 implies that the angular distance between the double pulsar system and the head of the ISM bow shock is θ bs = 0.65(d/0.5 kpc)
200 arcsec, and the relatively bright emission from the bow shock could extend over an angular scale a few times larger than this value. This angular scale may be resolved with Chandra, with longer integration times, even though in the 10 ks Chandra detection it was reported as a point source (McLaughlin et al. 2004) . If resolved, one might constrain the source angular size to 1 arcsec. However, we note that the observed X-ray emission is best explained from the bow shock with the ISM if n 0 ∼ 10 − 100 and v 200 ∼ 1 − 3, which would give a somewhat smaller angular scale, which might still be unresolved with Chandra.
DISCUSSION
Particle acceleration is expected in the binary pulsar system J0737-3039 both from the bow shock of the wind of pulsar A interacting with the magnetosphere of pulsar B, and the bow shock of pulsar A interacting with the insterstellar medium (ISM). Our main conclusions for the various shock regions in these energy bands are summarized in Table 1 .
The rotational energy loss rate, the systemic velocity and the orbital separation determine the effective angles subtended by these bow shocks, as well as the synchrotron peak energies in the forward and reverse shock systems and the radiation efficiencies at various frequencies. In this model, the likeliest explanation for the Chandra emission (McLaughlin et al. 2004 ) is the pulsar A wind just behind the bow shock caused by the systemic motion in the ISM. The corresponding ∼ 30 MeV emission may also be marginally compatible with the unidentified EGRET source 3EG J0747-3412 (Hartman et al 1999) , if the positional error is larger than estimated and comparable to the EGRET PSF. Even if this is not the case, the predicted 30-100 MeV emission from this shock should be detectable with the much larger effective area of GLAST.
An alternative explanation for the X-ray emission, is simply emission from pulsar A (McLaughlin et al. 2004) . 9 In this case a large part of the X-ray emission is expected to be pulsed with a period P A . A way to distinguish between this and the bow shock emission discussed here, is that only the latter can produce modulation over P orb or P B , and only emission from the bow shock with the ISM might be resolved by Chandra. Also, γ-rays are unlikely to be produced by pulsar A, due to its low magnetic field, while they are a natural consequence of the bow shock emission mechanism.
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9 Emission from pulsar B is unlikely, sinceĖ rot,B ∼ L X , which would require a very high efficiency in producing X-rays. McLaughlin et al. 2004 ) and for the unidentified EGRET source 3EG0747-3412 (Hartman et al 1999) , if the positional uncertainty is resolved. The third column gives predicted fluxes for GLAST. The last column lists some additional expected properties.
